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Standard Model of Particle Physics & Life of a Baryon: 
Big Bang Nucleosynthesis

Borsanyi et al. 2015
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Big Bang:

75% H + 25% He
(by mass)

Sun:
71.1% H + 27.4% He

+1.5% “Metals”

“p”� “n” + e+ + �e

⌫̄e + “p” ! “n” + e+
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nuclear fusion in stars:

H

He

C

O Si Fe

slow & rapid n capture:

elements up to Fe

elements beyond Fe
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A � 130

A � 195

A = 138
A = 208



slow (s) and rapid (r) neutron capture processes

N = 82

Z = 48

Z = 56



Solar Neutrinos (1)

Bethe
(1967)
Davis
(2002)

4p ! 4
2He + 2e+ + 2⌫e



Astrophysical
S-factor S(E):
low-energy
parameterization of
the energy-dependent
cross section σ (E)

Thermonuclear
reaction rate: number
of nuclear reactions
per time and volume

3.1. Reactions Important for Solar Neutrinos
At the temperature of the solar core, only hydrogen burning is relevant, and the pp chains dominate
(95). For the description of the nuclear reactions inside these chains, the following shorthand
notation is adopted here:

3He(α, γ )7Be ≡ 3He + α → γ +7 Be. 2.

Here, β+, electron capture, and α decays are denoted as (e+νe), (e−, νe), and (α).
The three pp chains, called pp-I, pp-II, and pp-III, dominate energy production (see Figure 4a

and Section 3.2). The second process of hydrogen burning, the CNO cycle, consists of the CN
cycle and the NO cycle and produces the so-called CNO neutrino !uxes (see Figure 4b and
Section 3.3).

For all the nuclear reactions considered here, the Coulomb barrier given by electrostatic re-
pulsion between the two positively charged reaction partners far exceeds the kinetic energy of the
thermal motion of the reaction partners in the solar core, even considering the high-energy tails
of their thermal Maxwell–Boltzmann distribution. Below the Coulomb barrier, the dependence
of the nuclear reaction cross section σ (E) on center-of-mass energy E can be parameterized using
the so-called astrophysical S-factor S(E) (96),

σ (E ) = 1
E
S(E ) exp

[
− b

√
E

]
, 3.

with b = −2πZ1Z2α
√

µc2/2 for particles with nuclear charges Z1, 2, masses m1, 2, and reduced
mass µ = m1m2/(m1 + m2); α is the "ne structure constant, and c is the vacuum speed of light.
S(E) varies only weakly with energy and encodes the strictly nuclear parts of the cross section.
The thermonuclear reaction rate NA〈σv〉 is then given by the product of the S-factor (3) and the

1H(p,e+νe)2H

3He(3He,2p)4He 3He(α,γ)7Be

12C

13N 14N 15N

15O 16O 17O

17F

13C

7Be(e–,νe)7Li

7Li(p,α)4He

7Be(p,γ)8B

8B(e+νe)8Be*

8Be*(α)4He

2H(p,γ)3He

85%
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1H(pe–,νe)2H

99.75% 0.25%
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0.00003%

pp-I chain
a

b

pp-II chain

pp-III chain

12C(p,γ)13N
7 × 105 years

17O(p,α)14N
7 × 105 years

15N(p,α)12C
6 × 103 years

13C(p,γ)14N
1 × 105 years

15N(p,γ)16O
1 × 107 years

16O(p,γ)17F
2 × 1010 years

14N(p,γ)15O
2 × 108 years

3 × 10–5 years3 × 10–5 years

6 × 10–6 years6 × 10–6 years

3 × 10–6 years3 × 10–6 years

Figure 4
Nuclear reactions in the Sun: (a) proton–proton chains and (b) the CNO cycle. In panel b, effective lifetimes of the starting nuclide
against this nuclear reaction (τ reaction = 1/ρXHNA〈σv〉) or decay (τdecay = 1/λ) are given; ρ is the solar core density,XH is the hydrogen
mass fraction, and λ is the decay constant. Wider arrows represent faster transmutations.
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Solar Neutrinos (2)

~99% of energy production ~1% of energy production



LNGS: Laboratori
Nazionali del Gran
Sasso

B16 high-Z + ecCNO
Solar neutrino spectra (±1σ)
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Figure 1
Spectrum of neutrino !uxes from different nuclear reactions (see Section 3). Neutrino !uxes from electron
capture (ec) reactions are given in cm−2 s−1. Data from Reference 4. Figure adapted from Reference 92.

capture for this reaction is 814 keV. The 37Ar atoms produced in the reaction were collected
using small proportional counters to detect the electron capture of 37Ar. Based on the unique
physical and chemical properties involved, this proposal developed into the successful Homestake
experiment, which resulted in the "rst observation of solar neutrinos (5, 6). This achievement
earned Raymond Davis Jr. the 2002 Nobel Prize in Physics. The experiment surprisingly found
a de"cit in the solar neutrino !ux; only one-third of the expected signal was detected. The
energy threshold of the chlorine reaction used in the Homestake experiment meant that it was
not sensitive to pp neutrinos, which sit very low in the spectrum (Figure 1). Access to these pp
neutrinos was achieved using similar radiochemical techniques in the reaction 71Ga → 71Ge,
which bene"ts from a Q-value of only 233 keV. These measurements, which were performed
by the GALLEX Collaboration (7–9) and later the GNO Collaboration (10) in the Italian
Laboratori Nazionali del Gran Sasso (LNGS) and by the SAGE Collaboration (11, 12) in the
Russian Baksan Neutrino Observatory, all showed de"cits in the observed solar neutrino !ux.

Around the same time, solar neutrinos were observed by the water Cherenkov experiment
Kamiokande (13, 14) via elastic scattering (ES) on electrons.This result con"rmed the presence of
a de"cit with an independent method and achieved the "rst real-time detection of solar neutrinos.
The directional nature of the ES signal was critical in con"rming that the observed neutrinos came
from the Sun. The experiment was upgraded to Super-Kamiokande (Super-K), a massive detector
with a broad physics program that has operated successfully for several decades. The latest solar
neutrino results can be found in Reference 15. The threshold for water Cherenkov detection is
several MeV, making these experiments sensitive primarily to 8B neutrinos. The detected !ux was
approximately one-half that expected based on solar models.

This de"cit came to be known as the solar neutrino problem, and a clear energy dependence
was observed across the different experimental results. Many solutions were proposed with

www.annualreviews.org • The Future of Solar Neutrinos 493
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19 14. Neutrino Masses, Mixing, and Oscillations
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Figure 14.3: Electron neutrino survival probability as a function of neutrino energy. The points
represent, from left to right, the Borexino pp, 7Be, pep, and 8B data (red points) and the SNO+SK
8B data (black point). The three Borexino 8B data points correspond, from left to right, to the
low-energy (LE) range, LE+HE range, and the high-energy (HE) range. The electron neutrino
survival probabilities from experimental points are determined using a high metalliticy SSM from
Ref. [57]. The error bars represent the ±1‡ experimental + theoretical uncertainties. The curve
corresponds to the ±1‡ prediction of the MSW-LMA solution using the parameter values given
in [65]. This figure is provided by A. Ianni.

Sasso, Italy, detects solar neutrino via ‹-e scattering in real time with a low energy threshold.
The Borexino detector consists of 300 t of ultra-pure liquid scintillator, which achieved 0.19 MeV of
energy threshold and 5% energy resolution at 1 MeV. Borexino reported the first real time detection
of 7Be solar neutrinos [66]. They also measured the fluxes of pep [67] and pp neutrino [68] for the
first time. Together with 8B [69] neutrino measurement, Borexino provides important data to study
the MSW e�ect. The KamLAND experiment also measured 8B [70] and 7Be [71] solar neutrinos.
Figure 14.3 shows the survival probability of solar ‹e as a function of neutrino energy. The data
points are from the Borexino results [72, 73] except the SNO+SK 8B data. The theoretical curve
shows the prediction of the MSW-LMA solution. All the data shown in this plot are consistent
with the theoretically calculated curve. This indicates that these solar neutrino measurements are
consistent with the MSW-LMA solution of the solar neutrino problem.

The matter e�ects can also be relevant to the propagation of solar neutrinos through the Earth.
Because solar neutrinos go through the Earth before interaction in the detector during the night-
time, a comparison of measured event rate between daytime and nighttime provides a clean and
direct test of matter e�ects on neutrino oscillations. Super-Kamiokande reported the first indica-
tion of the day/night asymmetry in 8B solar neutrinos [74]. The measured asymmetry, defined as
the di�erence of the average day rate and average night rate divided by the average of those two

1st June, 2020 8:28am
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structure detected Cherenkov radiation produced in both the D2O and H2O. The SNO detector
observed 8B neutrinos via three di�erent reactions. In addition to the ES scattering with an
electron, with D2O target the charged current (CC) ‹e + d æ e

≠ + p + p and the neutral current
(NC) ‹x + d æ ‹x + p + n interactions are possible. The CC reaction is sensitive to only ‹e, while
NC reaction is sensitive to all active flavours of neutrinos with equal cross sections. Therefore, by
comparing the measurements of di�erent reactions, SNO could provide a model independent test
of the neutrino flavour change.
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Figure 14.2: Fluxes of 8B solar neutrinos, „(‹e), and „(‹µ,· ), deduced from the SNO’s CC, ES, and
NC results [60]. The Super-Kamiokande ES flux is from [61]. The BS05(OP) standard solar model
prediction [40] is also shown. The bands represent the 1‡ error. The contours show the 68%, 95%,
and 99% joint probability for „(‹e) and „(‹µ,· ). The figure is from [60].

In 2001, SNO reported the initial result of CC measurement [62]. Combined with the high
statistics measurement of ‹-e elastic scattering from Super-Kamiokande [58], it provided a direct
evidence for existence of non-‹e component in solar neutrino flux. The result of NC measurement
in 2002 [63] established it with 5.3‡ of statistical significance. Figure 14.2 shows the fluxes of
electron neutrinos („(‹e)) and muon and tau neutrinos („(‹µ,· )) with the 68%, 95%, and 99% joint
probability contours, obtained with the SNO data. Finally, together with the reactor neutrino
experiment KamLAND (see Sec.14.6.4), the solution of solar neutrino problem was found to be
the MSW adiabatic flavour transitions in the solar matter, the so-called large mixing angle (LMA)
solution, with parameters ∆m

2
≥ 7.5 ◊ 10≠5 eV2 and sin2

◊ ≥ 0.3.
From a combined result of three phases of SNO [64], the total flux of 8B solar neutrino is found

to be (5.25 ± 0.16+0.11

≠0.13
) cm≠2s≠1, consistent with the SSM prediction. This consistency is one of

major accomplishments of SSM.
In order to understand the SSM as well as to study the MSW e�ect for the solar neutrino,

measurements of solar neutrinos other than 8B are important. The Borexino experiment at Gran

1st June, 2020 8:28am

pep νs) which is, however, properly disentangled by the
multivariate fit thanks to its energy shape and radial
distribution. The previously published Borexino results
regarding pp νs [12] and 7Be νs [5] were obtained in this
enlarged fiducial volume.
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as in Fig. 7.
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FIG. 7. Multivariate fit results (an example obtained with the MC method) for the TFC-subtracted (left) and the TFC-tagged (right)
energy spectra, with residuals. The sum of the individual components from the fit (black lines) is superimposed on the data (grey points).
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M. AGOSTINI et al. PHYS. REV. D 100, 082004 (2019)
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Solar, atmospheric, reactor, & accelerator neutrino experiments



Structure of an Asymptotic Giant Branch star



s-process in low- & intermediate-mass stars

3
4
He! 12

C + �

12C + p! 13N + �

13C + 4He! 16O + n

n + 56Fe! s-process nuclei

13N! 13C + e+ + ⌫e

4 4He + p! n + e+ + ⌫e + 16O



discovery of Tc spectral lines in stars by Merrill in 1952
Tc has no stable isotopes; the half-lives of the 

longest-lived isotopes are:

2.6� 106, 4.2� 106, 2.1� 105 yr for 97Tc, 98Tc, 99Tc

Evidence for Stellar s-Process Nucleosynthesis



Type Ia Supernovae: Accreting and Merging White Dwarfs 



Simple description of stellar structure 
<latexit sha1_base64="C4lEVmgE45TsTZiuoSxmUxHTkqU="></latexit>
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Virial theorem for a contracting gas cloud

massive stars reach much higher temperatures during contraction



Stability of nuclear burning

Tc

R

stable 
burning

unstable 
burning

onset of
degeneracy



Janka 2012



Fuel Main
Product

Secondary
Product

T
(109 K)

Time
(yr)
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H He 14N 0.02 107
CNO
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Supernovae as a
neutrino phenomenon

e+ + e� � � + �̄

N + N � N + N + � + �̄

GM2

RNS
⇥ 3� 1053 erg

� �e, �̄e, �µ, �̄µ, �� , �̄�



�-induced
r-process

4He(�e, e�p)3He
4He(�̄e, e+n)3H

r � 105 km
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signal

neutrino processes in typical core-collapse supernovae

neutrino interactions & oscillations



r-process in ejecta from neutron star merger



AA52CH02-Berger ARI 30 July 2014 6:55

BH

θobs

θj

Jet−ISM shock (afterglow)
Optical (hours−days)
Radio (weeks−years)

Ejecta−ISM shock
Radio (years)

Kilonova
Optical (t ~ 1 day)

Merger ejecta
Tidal tail and disk wind

v ~ 0.1–0.3 c

GRB
(t ~ 0.1–1 s)

GRB
(t ~ 0.1–1 s)

Figure 20
Potential electromagnetic counterparts of compact object binary mergers as a function of the observer
viewing angle (θobs). Rapid accretion of a centrifugally supported disk (blue) powers a collimated relativistic
jet, which produces a short GRB. Owing to relativistic beaming, the gamma-ray emission is restricted to
observers with θobs ! θj. Afterglow emission results from the interaction of the jet with the circumburst
medium ( pink). Optical afterglow emission is detectable for observers with θobs ! 2θj. Radio afterglow
emission is observable from all viewing angles once the jet decelerates to mildly relativistic velocities on a
timescale of months-years and can also be produced on timescales of years from subrelativistic ejecta.
Short-lived isotropic optical/near-IR emission lasting a few days (kilonova; green) can also accompany the
merger, powered by the radioactive decay of r-process elements synthesized in the ejecta. Reprinted from
Metzger & Berger (2012) with permission.

accuracy of the GW source (if detected by an instrument such as Swift/BAT), but even a poor
gamma-ray localization will provide a convincing association based on the temporal coincidence.
However, because the current estimate of the beaming fraction is fb ∼ 70 (Section 8.4), such
joint detections will be rare. The occurrence rate can be estimated using the observed short GRB
redshift distribution (Metzger & Berger 2012). In particular, there are currently no known short
GRBs within the Advanced LIGO/Virgo maximum detection distance for NS-NS binaries of
z ≈ 0.1. Extrapolating the observed redshift distribution to z ! 0.1, and correcting from the
Swift/BAT field of view to roughly all-sky coverage (e.g., Interplanetary Network, Fermi/GBM),

www.annualreviews.org • Short-Duration Gamma-Ray Bursts 91

A
nn

u.
 R

ev
. A

st
ro

. A
st

ro
ph

ys
. 2

01
4.

52
:4

3-
10

5.
 D

ow
nl

oa
de

d 
fr

om
 w

w
w

.a
nn

ua
lre

vi
ew

s.o
rg

 A
cc

es
s p

ro
vi

de
d 

by
 U

ni
ve

rs
ity

 o
f M

in
ne

so
ta

 - 
Tw

in
 C

iti
es

 o
n 

05
/1

3/
15

. F
or

 p
er

so
na

l u
se

 o
nl

y.

Berger 2014







Hierarchical Structure Formation



Merger Tree





Galaxy formation with gas dynamics



Life Cycle of Interstellar Medium



Type Ia SNe

core-collapse SNe (mostly Type II)
~ 10 Myr



SNe Ia: Accreting and Merging White Dwarfs 

Neutron
Star 

Mergers

~1 Gyr

~100 Myr



Arise from the Ashes

resurrection 
in binaries !



1. Overview of nucleosynthesis

2. Big Bang Nucleosynthesis

3. r-Process Nucleosynthesis

Outline (7/16 & 7/17)

Clayton: Principles of Stellar Evolution & Nucleosynthesis

Arnett: Supernovae & Nucleosynthesis

Pagel: Nucleosynthesis & Chemical Evolution of Galaxies

Textbooks

4. Neutrino-induced Nucleosynthesis

6. Galactic Chemical Evolution

5. Cosmological Structure Formation



Basics of Big Bang Nucleosynthesis

initial state (T > 1 MeV): n, p

Xn + Xp = 1� need n/p

rate of change in abundance:
dYi

dt
= P (t)�D(t)Yi

P (t) : production rate
D(t) : destruction rate

�
both depend on T (t) and �b(t)

, Yi =
Xi

Ai
, ni = �bNAYi

T (t) specified by dynamics of expansion
�b(t) specified by conservation of entropy per baryon

s � g�e�(t)
T 3

�b
� g�e�(t)

n�

nb
= const.

baryon-to-photon ratio: � =
nb,0

n�,0
⇥ s � 3.6

�



entropy conservation � evolution of �rel at 100 > T > 1 MeV

TS = E + PV � µN ⇥ S =
E + PV � µN

T

fully relativistic: Srel =
�relV + (�rel/3)V

T
� ge�T (t)3R(t)3

ge� = const.⇥ T (t) ⇤ R(t)�1, Ṫ /T = �Ṙ/R
⇤

Ṙ

R

⌅2

=

⇤
Ṫ

T

⌅2

=
8�

3
G⇥rel =

�
8�

3
G

⇥
ge�

�2

15
T 4

T ⇥⌅ as t⇥ 0⇤ Ṫ

T
= �

�
8�3

45
ge�GT 4

t � 1
2

⇤
45
8�3

1⇥
ge�G

1
T 2

=
1.71
⇥

ge�

�
MeV

T

⇥2

s

N� = 3⇥ ge� =
43
8

, t � 0.74
�

MeV
T

⇥2

s



BBN and Neutrinos
freeze-out of n/p: �e + n � p + e�, �̄e + p � n + e+

⇤�en ⇥ G2
F

⇥
cos2 �C(f2 + 3g2)(E�e + �)2

⇤�̄ep ⇥ G2
F

⇥
cos2 �C(f2 + 3g2)(E�̄e ��)2

cos2 �C = 0.95, f = 1, g = 1.26, � = Mn �Mp = 1.293 MeV

rate per nucleon: ��N � 4⇥

(2⇥)3

⇤ ⇥

0

⇤�NE2
�

exp(E�/T ) + 1
dE�

� 0.4
�

T

MeV

⇥5

s�1

⇤ �

tFO

��Ndt ⇥
⇤ TFO

0
0.4

�
T

MeV

⇥5

� 2� 0.74
�

MeV
T

⇥3

dT

⇥ 0.2
�

T

MeV

⇥3

⇥ 1⇤ TFO ⇥ 1.7 MeVFO



n

p
=

�
n

p

⇥

FO

exp
�
� t� tFO

�n

⇥
⇥ exp

�
� �

TFO
� t� tFO

�n

⇥

freeze
out

4He synthesis



n

p
=

�
n

p

⇥

FO

exp
�
� t� tFO

�n

⇥
⇥ exp

�
� �

TFO
� t� tFO

�n

⇥

4He production: X(4He) � 2n

n + p
=

2(n/p)
(n/p) + 1

t � 1⇤
a + bN�

1
T 2

, ��N ⇥ T 5,

� �

tFO

��Ndt ⇥ T 3
FO⇤

a + bN�
� const.

N� ⇤ ⌅ TFO ⇤ ⌅
�

n

p

⇥

FO

⇥ exp
�
� �

TFO

⇥
⇤

N� ⇥ ⌅ t ⇤ ⌅ n

p
=

�
n

p

⇥

FO

exp
�
� t� tFO

�n

⇥
⇥

N� � ⇥
n

p
� ⇥ X(4He) �
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FIG. 12. Likelihood distributions in (N⌫ , ⌘) space. Smaller solid contours are the (68%, 95%, 99%)

CL results combining BBN, CMB, light element data. Larger dotted contours are for BBN and

light element data only. Panels use observed data for: (a) Yp, (b) D/H, and (c) Yp and D/H. We

see that BBN-only constraints are weak with only one light element, but give bounds on both ⌘

and N⌫ when two light elements are used. Adding the CMB considerably tightens both limits.

C. Other Planck Data Sets

Up to now, we have concentrated on two specific choices of the Planck data chains.

Namely TTTEEE+lowE+lensing, for both N⌫ fixed and variable. In this section we compare

our results with other chains made available by Planck as well as with the 2015 Planck data

[3].

We start by showing the likelihoods as functions of each of the light elements when lensing

is not included in the CMB likelihood. These results, shown in Fig. 13, are very similar to

those shown in Fig. 4 when lensing is included. We see only a slight shift in the peak of
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Figure 24.1: The primordial abundances of 4He, D, 3He, and 7Li as predicted by the standard
model of Big-Bang nucleosynthesis — the bands show the 95% CL range [50]. Boxes indicate the
observed light element abundances. The narrow vertical band indicates the CMB measure of the
cosmic baryon density, while the wider band indicates the BBN D+4He concordance range (both
at 95% CL).

reflects the combined statistical and systematic errors, with the latter, estimated to be ±0.002 [67],
being dominant.
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Nuclear Statistical Equilibrium (NSE)
Zp + (A� Z)n � (Z, A) + � ⇥ Zµp + (A� Z)µn = µ(Z, A)

considering excited states of nuclei:

n(Z, A) =
⇧

i

2Ji + 1
(2⇥)3

⌃ �

0

4⇥p2dp

exp{[(p2/2M) + M + Ei � µ]/T}

= G(Z, A)
�

MT

2⇥

⇥3/2

exp
⇤
µ(Z, A)�M(Z, A)

T

⌅

nuclear partition function: G(Z, A) =
⇤

i

(2Ji + 1) exp
�
�Ei

T

⇥

⇥ X(Z, A) = XZ
p XA�Z

n
G(Z, A)

2A
A5/2

�
�

⇥b

MN

⇥A�1 �
2�

MNT

⇥3(A�1)/2

exp
⇤
B(Z, A)

T

⌅



In NSE, no rates are needed to calculate abundances:

1 = Xn + Xp +
⇧

(Z,A)

X(Z, A)

Ye = Xp +
⇧

(Z,A)

Z

A
X(Z, A)

X(Z, A) = XZ
p XA�Z

n
G(Z, A)

2A
A5/2

�
�

⇥b

MN

⇥A�1 �
2�

MNT

⇥3(A�1)/2

exp
⇤
B(Z, A)

T

⌅

⇧
�

�
T

MN

⇥3/2
⌃A�1

exp
⇤
B(Z, A)

T

⌅
� 1

<latexit sha1_base64="5a6xrtgRNzCpsJxZvcQmujR26iM="></latexit>

) (Z,A) drops out of NSE at lower T



TNSE ⇥
B(Z, A)/(A� 1)

ln ��1 + (3/2) ln(MN/T )

p(n, �)d

d(d, n)3He

d(d, p)t
3He(d, p)4He

t(d, n)4He
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Expansion from high temperature & density

• nuclear statistical equilibrium (NSE)

• quasi-statistical equilibrium (QSE)

• hot r-process

(A� Z)n+ Zp ⌦ (Z,A) + �

(n, �), (p, �), (n, p), (↵, �), (↵, n), (↵, p)

(n, �) ⌦ (�, n) equilibrium

all strong & electromagnetic reactions in equilibrium

clusters of nuclei form & reactions involving n, p, 
& light nuclei in equilibrium within each cluster

QSE within each isotopic chain only



quasi-statistical equilibrium (QSE)
<latexit sha1_base64="T8Pd+7xTbTrjZUGC5ZNEVgUGics="></latexit>

typically QSE is achieved for 0.5 & T & 0.25 MeV
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light cluster heavier clusters
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12C, etc.
<latexit sha1_base64="MGgqI2b5R/5PW1GqIYCeNOnIw1A="></latexit>

9Be(↵, n)12C

<latexit sha1_base64="ewlcoFVtNTK5TXtlVJhOA1p0RnY="></latexit>

↵+ ↵+ n ⌦ 9Be + �

Q-value = 1.57 MeV

determination of neutron-to-seed ratio
<latexit sha1_base64="+X7wAfwZpE8kHEwM1Re6pPPfFdg="></latexit>

Ye # ) more neutrons

<latexit sha1_base64="5KXv9mS3m3NZS3aw06HQX+nte88="></latexit>

⌧dyn # ) shorter time for producing seeds

<latexit sha1_base64="hS2v7YpbYx+RTIZSmXoRTI0RdF0="></latexit>

more photons capable of disintegrating 9Be ) fewer seeds

<latexit sha1_base64="tS/rRh/rfmBFk9urevgxGsEksHM="></latexit>

entropy per baryon S / (T 3/⇢) " )



Hoffman, Woosley, & Qian 1997

conditions for producing r-nuclei with A~200

0 100 200 300 400 500 600
S

0.2

0.3

0.4

0.5
Y e

τdyn = 0.0039 s 0.039 s 0.195 s

Figure 3: Combinations of Ye, S, and τdyn giving rise to an initial neutron-to-seed ratio of
Rn/s(t0) ≈ 100 for the r-process in adiabatically expanding matter. Production of nuclei
with A ∼ 195 is expected. See [20] for details.

the neutron abundance and on the rate for building heavy nuclei during the α-process. A low neutron
abundance for Ye ∼ 0.5 gives a low rate for building heavy nuclei due to the low abundance of 9Be
[see Eq. (25)]. This results in a low abundance of the seed nuclei that can compensate for the low
neutron abundance at the end of the α-process to give Rn/s(t0) ≈ 100. For a fixed Ye, the required

values of S and τdyn to give Rn/s(t0) ≈ 100 approximately follow the scaling S ∝ τ 1/3dyn. This is because
the integrated assemblage of seed nuclei during the α-process depends on τdyn/S3. Consequently, for
the smallest value of τdyn = 0.0039 s shown in Fig. 3, Rn/s(t0) ≈ 100 can be obtained over a relatively
broad range of Ye for S <

∼ 100. The curves for the three very different values of τdyn shown in Fig. 3
appear to converge in the region of S <

∼ 10 and Ye < 0.2. This is because for such small values of S
corresponding to high ρ, the bottle-neck imposed by the three-body reactions in the production of the
seed nuclei is no longer important [see Eq. (25)]. The two major candidate astrophysical environments
for the r-process to be discussed in Sec. 3 are characterized by S ∼ 100 (neutrino-driven wind from
core-collapse supernovae) and S <

∼ 10 (ejecta from neutron star mergers), respectively.

The combinations of Ye, S, and τdyn shown in Fig. 3 are considered to represent the conditions for
an r-process that can produce the nuclei with A ∼ 195 from the seed nuclei with As ∼ 90. Similar
results were also obtained in [19, 21, 25]. The combinations of Ye and S required to produce the nuclei
with A ∼ 130 would lie to the left of the curves shown in Fig. 3 for fixed values of τdyn. Illustrative
r-process calculations with different combinations of Ye, S, and τdyn were carried out in [19, 21] and
[26]–[28].
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(n, �) ⌦ (�, n) equilibrium: n+ (Z,A) ⌦ (Z,A+ 1) + �

<latexit sha1_base64="eo0+T5k0MNNF1eNoaX/PGpNIfjE="></latexit>

typically achieved for 0.25 & T & 0.1 MeV

<latexit sha1_base64="39p9a0q4oxiiqUGogJhdsQHNDxU="></latexit>

⇠ 1 ) waiting-point nuclei
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(n,! )

!stability"

Zs
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!decay"

Rapid neutron capture: the r!process

N

Z

A~130

82 126

A~195

neutron!drip
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steady �-flow in (n, �) ⌦ (�, n) equilibrium
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) YWP(Z) / 1/�WP
� (Z)
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dYWP(Z + 1)

dt
= �WP

� (Z)YWP(Z)� �WP
� (Z + 1)YWP(Z + 1) = 0
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(n, �) ⌦ (�, n) equilibrium: n+ (Z,A) ⌦ (Z,A+ 1) + �
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nnh�n,�(Z,A)viY (Z,A) = ��,n(Z,A+ 1)Y (Z,A+ 1)
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typical nuclear properties of waiting-point nuclei with N = 82 & 126
<latexit sha1_base64="pu7AatSwS9nO12R4vm/U1uT/WPA="></latexit>

Sn ⇠ 2 MeV, h�n,�vi ⇠ 10�20 cm3 s�1, �� ⇠ 10 s�1

<latexit sha1_base64="tjcYXUgMs/0D7Aw1Q8KYiwfijXI="></latexit>

nnh�n,�vi � �� ) nn � 1021 cm�3

<latexit sha1_base64="IrGtzgjk/QtETdTWkp3dLG1UM7I="></latexit>

time for �-flow to go from seeds through N = 82 and 126

in contrast to a hot r-process, a cold r-process occurs
when photo-disintegration can be ignored
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T9 ⌧ 1 ) cold r-process
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T9 ⇠ 1 ) ��,n ⇠ 104 s�1 � ��
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Hot r-process starting with free nucleons

Wanajo et al. 2004 
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n, p

Fe neutrinosphere

shock

initial trapping surface

� � 1011 g cm�3

“neutronization” pulse at shock breakout

e� + p� n + �e ⇥ predominantly �e

without oscillations
(Thompson et al. 2003)



Supernovae as a
neutrino phenomenon

e+ + e� � � + �̄

N + N � N + N + � + �̄

GM2

RNS
⇥ 3� 1053 erg

� �e, �̄e, �µ, �̄µ, �� , �̄�
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(a) Neutrino-powered electron-capture supernova (ECSN) of an 8.8-M ! star with an O-Ne-Mg core (21, 28), visualized by mass-shell
trajectories of a one-dimensional simulation (105). The SN shock (bold, outgoing line) expands for ∼50 ms as an accretion shock (the
downstream velocities are negative) before it accelerates by reaching the steep density gradient at the edge of the core. Neutrino
heating subsequently drives a baryonic “wind” off the proto–neutron star (PNS) surface. Colored lines mark the inner boundaries of the
Mg-rich layer in the O-Ne-Mg core (red; ∼0.72 M !), the C-O shell (green; ∼1.23 M !), and the He shell (blue; ∼1.38 M !). The
outermost dashed line indicates the gain radius, and the inner solid, dashed, and dash-dotted lines represent the neutrinospheres of νe ,
ν̄e , and νx , respectively. (b) Neutrino luminosities and mean energies from an ECSN for the infall, νe breakout burst, accretion phase,
and PNS cooling evolution (107). The average energies are defined as the ratio of energy to number fluxes. Panel a reproduced with
permission from ESO.

burning front that explodes the star. The heating was considered to occur mainly by neutrino-
electron scattering.

Although this is an appealing idea, neither the stellar nor dynamical conditions assumed for
this scenario could be verified by detailed progenitor and explosion models. In, for example,
O-Ne-Mg-core progenitors, which define the low-mass limit of stars that undergo core collapse to
radiate large neutrino luminosities, the C and O shell is initially located between roughly 500 and
1,000 km (at densities !4 × 108 g cm−3) and falls dynamically inward (with compression-induced
burning) long before it is exposed to a high fluence of neutrinos (Figure 5). If, in contrast, the O
and C layers are farther out at r > 1,000 km, as in more massive Fe-core progenitors (Figure 2),
then the neutrino flux is diluted by the large distance from the source, and the electron densities
(and degeneracy) there are much lower than those adopted by the Russians (147–150). Therefore,
neutrino-electron scattering cannot raise the temperature to the ignition threshold.

Presently, PISNe are the only stellar core-collapse events wherein the explosion mechanism is
known to be based on thermonuclear energy release (Section 2.4). However, a closer examination
of the possibility of neutrino-triggered burning in the significantly more compact low-metallicity
stars might be interesting.

4.2. Bounce-Shock Mechanism
The purely hydrodynamical bounce-shock mechanism (4, 5), in which the shock wave launched
at the moment of core bounce (Section 2.2) causes the prompt ejection of stellar mantle and
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setting n/p in the neutrino-driven wind
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Figure 11. Electron fraction vs. entropy of the tracer particles during the acceleration phase. Color shows the mass at a
given Ye and entropy. Ye = 0.5 is marked as a vertical white dashed line. Only wind matter is shown here. The fact that
wind matter is at most moderately neutron-rich and does not have high enough entropy eliminates the possibility of a strong
r-process. However, a weak r-process is allowed, as expected by Wanajo (2013), Arcones & Thielemann (2013), Wanajo (2023),
and seen in this study (see Figure 12.)

neutrino-driven winds in 3D models (Wang et al. 2023)
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Figure 12. Nucleosynthesis yields and production factors in the winds. Top: Mass fraction at the end of six representative
simulations. Bottom: Production factors at the end of those simulations. The production factor is calculated based on the solar
system abundances given in Lodders (2021). Isotopes with the same mass number (A) are summed together in both panels.
Some interesting isotope positions are indicated at the top of each panel. This figure confirms that the winds are able to generate
heavy isotopes up to the 90Zr peak, thanks to the weak r-process and the ⌫p-process. However, the 9.5 and 23 M� models don’t
generate as many heavy elements. One reason is that they have very little neutron-rich ejecta and, therefore, don’t experience
any significant r-process. Another reason is that the ⌫p-process (include in this study) can generate heavy elements only if the
wind terminates neither too early nor too late (Arcones & Thielemann 2013), which is probably not satisfied by these models.
This means that the ⌫p-process will be sensitive to the morphology of the winds and the explosion. We therefore conclude that
it is di�cult to predict ⌫p-process yields without doing actual 3D simulations.

Wang et al. 2023



the vp-process in p-rich v-driven winds
(Frohlich et al. 2006a,b; Pruet et al. 2005,2006)
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Following the freeze-out of charged-particle reactions, the r
process typically consists of two phases: an initial phase
dominated by neutron captures and, depending on temper-
ature, photodissociations and a later phase in which neutron
captures and β decays operate on similar timescales during the
decay to stability in what is typically known as r-process
freeze-out. The transition between the two phases occurs
when the neutron-to-seed ratio (i.e., the ratio of free neutrons
to heavy nuclei) reaches values close to 1. This is illustrated in
Fig. 15. The upper panel shows the evolution of the abun-
dances of neutrons, alpha particles, and heavy nuclei for a
typical trajectory from those shown in Fig. 14. The lower

panel shows the effective neutron lifetime τn, the average
radiative neutron-capture timescale per nucleus τðn;γÞ, the
average photodissociation timescale per nucleus τðγ;nÞ, and
the average β-decay timescale per nucleus τβ, defined as the
inverse of their average destruction rates per nucleus for the
respective processes

1

τn
¼

!!!!
1

Yn

dYn

dt

!!!!; ð5aÞ

1

τðn;γÞ
¼

P
Z;AYðZ; AÞnnhσviA;ZP

Z;AYðZ; AÞ
; ð5bÞ

1

τðγ;nÞ
¼

P
Z;AYðZ; AÞλγðZ; AÞP

Z;AYðZ; AÞ
; ð5cÞ

1

τβ
¼

P
Z;AYðZ; AÞλβðZ; AÞP

Z;AYðZ; AÞ
. ð5dÞ

Thus, the last three equations provide the neutron-capture rate
on an average seed nucleus [averaged over all nuclei with their
abundances YðZ; AÞ], the photodisintegration ðγ; nÞ rate, and
the β-decay rate, respectively, which are the inverse of the
corresponding average reaction timescales.
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Following the freeze-out of charged-particle reactions, the r
process typically consists of two phases: an initial phase
dominated by neutron captures and, depending on temper-
ature, photodissociations and a later phase in which neutron
captures and β decays operate on similar timescales during the
decay to stability in what is typically known as r-process
freeze-out. The transition between the two phases occurs
when the neutron-to-seed ratio (i.e., the ratio of free neutrons
to heavy nuclei) reaches values close to 1. This is illustrated in
Fig. 15. The upper panel shows the evolution of the abun-
dances of neutrons, alpha particles, and heavy nuclei for a
typical trajectory from those shown in Fig. 14. The lower

panel shows the effective neutron lifetime τn, the average
radiative neutron-capture timescale per nucleus τðn;γÞ, the
average photodissociation timescale per nucleus τðγ;nÞ, and
the average β-decay timescale per nucleus τβ, defined as the
inverse of their average destruction rates per nucleus for the
respective processes
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Thus, the last three equations provide the neutron-capture rate
on an average seed nucleus [averaged over all nuclei with their
abundances YðZ; AÞ], the photodisintegration ðγ; nÞ rate, and
the β-decay rate, respectively, which are the inverse of the
corresponding average reaction timescales.
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Figure 15 shows results of calculations with an initial
neutron-to-seed nucleus ratio ns ∼ 600, allowing for several
fission cycles before the end of the r process, i.e., subsequent
sequences of fission, leading to lighter fission fragments that
can again capture neutrons until heavier nuclei are produced,
encountering fission again and the production of fission
fragments. The impact of fission cycling, doubling the number
of heavy nuclei with each cycle, can be seen in the upper panel
of Fig. 15 by the increase in the abundance of heavy nuclei. A
similar increase is also seen in the abundances of alpha
particles due mainly to the α decay of translead nuclei. At
early times (< 1 s) the neutron abundance is large and
changes slowly with time. This is a consequence of the almost
identical ðn; γÞ and ðγ; nÞ timescales as the temperatures are
large enough to maintain ðn; γÞ ⇄ ðγ; nÞ equilibrium.
Neglecting the production of neutrons by β decay and fission
one finds the following relation for 1=τn, corresponding to
Eq. (5a), which is equal to the difference between average
neutron destructions via neutron capture and productions via
photodisintegrations per nucleus divided by the neutron-to-
seed nucleus ratio ns:

1

τn
¼ 1

ns

!
1

τðn;γÞ
−

1

τðγ;nÞ

"
; ð6Þ

thereby illustrating the important role played by the neutron-
to-seed ratio. Whenever ns > 1, the effective neutron lifetime
is large and there is enough time for the r process to pass via
successive β decays through many isotopic chains and reach a
β-flow equilibrium (Kratz et al., 1993; Freiburghaus et al.,
1999). The time derivative _YðZÞ of the abundance in an entire
isotopic chain YðZÞ ¼

P
N YðZ;NÞ, due to β decays, is

given by

X

N

λβðZ;NÞYðZ;NÞ ¼ YðZÞ
X

N

λβðZ;NÞYðZ;NÞ
YðZÞ

¼ YðZÞλeffβ ðZÞ ¼ const; ð7Þ

with λeffβ ðZÞ the effective decay rate of the entire chain. In a β-
flow equilibrium this flux is constant through all affected Z’s.
As decay rates are related to half-lives via λ ¼ ln 2=t1=2, the

abundance of a complete isotopic chain is proportional to its
effective β-decay half-life YðZÞ ∝ teff1=2ðZÞ; see Fig. 16.
During this early phase, the r-process path is determined

mainly by the two-neutron separation energies S2n as only
even neutron number nuclei are present due to the pairing
effect on binding energies; see Fig. 12. Typically, S2n values
decrease smoothly with neutron excess with a sudden decrease
at magic neutron numbers. However, for several mass models
the S2n are either constant or show a saddle point behavior in
regions where there is a transition from deformed to spherical
nuclei or vice-versa just before or after magic shell closures.
This leads also to saddle points in contour lines of constant Sn
in the nuclear chart and translates to the appearance of gaps in
the r-process path (see Fig. 12) producing troughs in the
abundance distribution (Thielemann et al., 1994; Arcones and
Martínez-Pinedo, 2011) before the onset of the freeze-out of
neutron captures. These troughs have been extensively dis-
cussed in the literature [see Chen et al. (1995), Pfeiffer, Kratz,
and Thielemann (1997), and references therein] as a signature
of quenching of the N ¼ 82 shell gap. However, whether the
related behavior of neutron separation energies is due to
quenching of shell effects far from stability or insufficiency in
the challenging treatment of nuclei around the transition from
well deformed to spherical is still under debate (Grawe,
Langanke, and Martínez-Pinedo, 2007).
Before freeze-out the nuclei with the strongest impact in the

r-process dynamics are those with the longest β-decay half-
lives. These are the nuclei closest to stability at or just after the
magic shell closures. Uncertainties in the nuclear physics
properties of those nuclei may have a strong impact on the
final abundances. This is particularly the case for nuclei
located after the N ¼ 82 shell closure. This is confirmed by
sensitivity studies (Mumpower et al., 2016) that explore the
impact on r-process abundances due to variations of nuclear
properties.
Once the r process reaches ns ≈ 1, there is an important

change in the dynamics. Nuclei start to compete for the few
available neutrons and the effective neutron lifetime decreases
dramatically; see Eq. (6) and Fig. 15. The effective neutron
lifetime increases again once the β-decay timescale becomes
shorter than the ðn; γÞ timescale, resulting in a more gradual
decline of ns at later times. The evolution after ns ≲ 1 is
known as r-process freeze-out. During this phase, the time-
scales of neutron captures and β decays become similar. It is
precisely the competition between neutron captures and β
decays (often followed by neutron emission) during the decay
to stability that is responsible for smoothing the r-process
abundances. Just before the freeze-out the abundances exhibit
strong oscillations versus mass number. However, after freeze-
out they are rather smooth, in agreement with the Solar
System r-process abundances. This is a characteristic feature
of the r process when compared to the s process. In the latter
case, there is almost never a competition between β decays
and neutron captures, and hence the abundances show a strong
sensitivity on A.
Any process that produces neutrons during freeze-out can

affect the final abundances. This includes β-delayed neutron
emission and fission, with the first one dominating for
ns ≲ 150. One should keep in mind that the impact of neutron
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Figure 1. (a) Evolution of neutron abundance Yn with time for a typical zone in the outer He shell for y11H.1
(black), u11*H.1 (red), u11H.1 (blue), and v11H.1 (green). (b) Final elemental abundance pattern produced by
y11H.1 (black), u11*H.1 (red), u11H.1 (blue), and v11H.1 (green).

companion during the latter’s evolution on the asymptotic giant branch. However, the astrophysical
site of r-process in the early Galaxy and the mechanism for producing a mixture of r and s patterns,
especially in stars that are not in binary systems, are still uncertain. We revisit a mechanism for pro-
ducing neutron-capture elements in the early Galaxy originally proposed by Epstein, Colgate, and
Haxton (ECH) [3]. We show that in metal-poor progenitors with metallicities of Z ! 10−3 Z" and
masses of ∼ 11–15 M", a modified version of the ECH mechanism can lead to production of nuclei
with mass numbers up to A ∼ 200 [4]. We identify a related mechanism for producing the rare light
nucleus 9Be that previously had been thought to be produced exclusively by interactions between
Galactic comic rays (GCRs) and nuclei in the interstellar medium [5, 6]. Furthermore, 9Be can be
synthesized by neutrino-induced reactions in He shells of more compact progenitors of ∼ 8–10 M".
We find that 9Be produced by the above mechanisms can account for the linear relationship of Be with
primary products of CCSNe, e.g., O, Mg, Ti, and Fe, as observed at low metallicities [7].

2 Neutrino-Induced Neutron-Capture Process in the He Shell

The ECH mechanism was proposed as a possible scenario for the r process in CCSNe. The main idea
is that neutrinos emitted during a CCSN will produce neutrons in neutral-current reactions with 4He
via 4He(ν,ν ′n)3He(n, p)3H(3H, 2n)4He and 4He(ν,ν ′p)3H(3H, 2n)4He. As neutrons cannot capture
on 4He, they will instead be absorbed with high efficiency by trace quantities of 56Fe present from
initial birth material of the star. As the number of neutrons generated by this primary neutrino-driven
mechanism can be computed reasonably well, it can be shown that the neutron/seed ratio needed for a
successful r process can be achieved in metal-poor He shells. It was pointed out in Ref. [8] however,
that this mechanism would only be viable in CCSNe from low-metallicity compact stars and even
there poisons such as 12C may inhibit the r process. We revisit this scenario by performing detailed
nucleosynthesis calculations with the hydrodynamic code KEPLER [9, 10]. We use the same code
to evolve progenitor models and treat the effects of the CCSN shock. Progenitors investigated have
metallicities of [Z] ≡ log(Z/Z") = −5 (denoted by “y” for “hyper-metal-poor”), −4 (“u” for “ultra-
metal-poor”), and −3 (“v” for “very-metal-poor”) and masses of 11–15 M". The progenitor models
are labelled by their metallicity and mass in units of M". For example, u11 refers to a progenitor with
metallicity “u” of 11 M". We study the sensitivity of the final abundance pattern to neutrino spectra,
flavor oscillations, explosion energy, and progenitor metallicity.

The progenitor models y11, y15, u11, u15, v11, and v15 are generated using the most recent
version of KEPLER with a full reaction network to track the evolution of a massive star from birth
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Early Chemical Evolution (~ First Gyr)

dominant sources: Core-Collapse SNe & NS Mergers
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R-Process Alliance search for r-process-enhanced stars in the 
Galactic Halo: data on (Sr/Fe), (Ba/Fe), (Eu/Fe) for 195 stars

(Holmbeck et al. 2020)
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[Sr/Fe]1 = -0.49,  [Ba/Fe]1 = -3.00,  [Eu/Fe]1 = -0.77
[Sr/Fe]2 = 0.90,  [Ba/Fe]2 = 0.91,   [Eu/Fe]2 = 1.30  
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CCSNe: Fe, Sr     NSMs: Sr, Ba, Eu
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